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From a massive MS star to a CCSN

Neutrino trapping Core bounceGravitational collapse

ν sphere

Fe
Si
C+O
He
H Fe	core

νν

Shock	wave

n
n

n
p

p

p

Shock stalling

ü The standard scenario toward explosion

Explosion
&

Neutron star

C+O
He
H

~102 yr BB
|

~0.1 s BB
|

~50 ms PB
|

t = 0
|

min. ~ a day
|

4H	→4He+2e++2νe

H

~107 yr Before Bounce (BB)
|

A massive star forms iron core.
→ The core gravitationally collapses.
→ Shock stalls and revives via neutrino heating.
→ Finally, the shock breaks out the stellar surface.
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Note that the time scale of stellar evolution depends on its mass. 
Shown is the case of a ~10 solar-mass star.
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Systematic numerical simulations

ü Heger et al. (2003)

There should be a “critical” mass at M ~ 25 !⊙, 
dividing NS/BH forming cases.

ü OʼConnor & Ott (2011); Ugliano et al. (2012)

1D simulations with artificial explosion schemes 
show non-monotonic explosion properties.

The Astrophysical Journal, 757:69 (10pp), 2012 September 20 Ugliano et al.

Figure 5. Explosion and remnant properties resulting from our parameterized 1D neutrino-driven SN simulations: explosion energy (top left), time of the onset of the
explosion (top right), baryonic mass of the compact remnant (middle left), total release of gravitational binding energy by the compact remnant in neutrinos (middle
right), and ejected 56Ni mass (bottom left) as functions of stellar birth (ZAMS) mass. The bottom right panel shows the compact remnant mass vs. the enclosed mass
at the base of the oxygen-burning shell of the progenitor, where the stars possess an entropy jump of varying size. The green histogram bar indicates the 19.8 M⊙
calibration model (see the text). While vertical ticks in some panels mark masses where computed models did not explode, gray histogram bars reaching to the upper
panel edge and arrows in the bottom right panel signal the formation of a BH containing the whole mass of the progenitor at collapse. The only exception here is the
37 M⊙ star, where the explosion expulses ∼3.2 M⊙ while 4.5 M⊙ of fallback give birth to a BH with 6.5 M⊙. Blue histogram segments indicate fallback masses, and
orange segments the uncertainties of the 56Ni ejecta masses. The latter uncertainties are associated with inaccuracies in the Ye determination of the neutrino-heated
ejecta because of our approximative treatment of neutrino transport.
(A color version of this figure is available in the online journal.)

explosion with the Prometheus version described in Section 2.
The mapping, excision of the NS core, and approximate neutrino
treatment do not cause any worrisome transients.

3.1. Explosion Properties

Explosions can develop in the case of a favorable interplay
of mass-accretion rate and neutrino luminosities (e.g., Burrows
& Goshy 1993; Janka 2001; Fernández 2012). In all successful
cases compared to failed explosions of neighboring progenitors,
the mass-accretion rate either is lower during a long postbounce
period or decreases rapidly when a composition–shell interface
arrives at the shock. Shock revival occurs when the neutrino
luminosity is still sufficiently high (and thus neutrino heating
strong enough) at this time. In a large number of successful
and unsuccessful models the decreasing mass-accretion rate
triggers shock oscillations, which indicate the proximity to
runaway conditions (Buras et al. 2006b; Murphy & Burrows
2008; Fernández 2012) and whose amplification also leads to
large-amplitude pulses of the accretion component of the driving
neutrino luminosity (see Buras et al. 2006b). In some stars the
explosion is fostered by the Si/O interface reaching the shock
relatively soon after bounce, either due to its location at a smaller

mass coordinate or because of higher mass-accretion rates at
earlier times, corresponding to a more compact Si-layer. In this
case the high accretion luminosity seems to be supportive. (More
information on the time evolution, dynamics, and the neutrino
emission of our models will be provided in a separate paper.)
In summary, the destiny of a collapsing star does not hinge on
a single parameter but depends on the overall structure of the
stellar core.

Figure 5 gives an overview of the results of our whole
model set. All displayed quantities exhibit considerable scatter
even in narrow mass windows, which is a consequence of the
nonmonotonicities of the progenitor structure. Failed explosions
with BH formation seem to be possible for progenitors below
20 M⊙, and successful SNe with NS formation are also found
between 20 and 40 M⊙. While below 15 M⊙ all core collapses
produce NSs, the investigated progenitor set yields several
“islands” with preferred BH creation above 15 M⊙. A discussion
how BH formation cases correlate or do not correlate with the
density structure and characteristic quantities of the progenitor
cores can be found in Section 2.2.

The energies of the neutrino-driven explosions do not exceed
2 × 1051 erg, and 56Ni production up to 0.1–0.15 M⊙ can
be expected. Note that our determination of nickel yields is
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occur at all (Baraffe et al. 2001) because the progenitor stars
are pulsationally unstable.

4. SUPERNOVAE

4.1. Supernovae of Type IIp and IIL

It has long been recognized that massive stars produce
supernovae (Baade & Zwicky 1934). In this paper, we
assume the progenitor properties for the different core-
collapse supernova types listed in Table 1.

The lower and upper limits of main-sequence mass that
will produce a successful supernova (‘‘M-lower ’’ and ‘‘M-
upper ’’)—one with a strong outgoing shock still intact at
the surface of the star—have long been debated. On the
lower end, the limit is set by the heaviest star that will eject

its envelope quiescently and produce a white dwarf.
Estimates range from 6 to 11 M!, with smaller values char-
acteristic of calculations that are employed using a large
amount of convective overshoot mixing (Marigo, Bressan,
& Chiosi 1996; Chiosi 2000) and the upper limit determined
by whether helium shell flashes can eject the envelope sur-
rounding a neon-oxygen core in the same way they do for
carbon-oxygen cores (x 3). It may also slightly depend on
metallicity (Cassisi & Castellani 1993). Here we will adopt
9M! forM-lower.

The value ofM-upper depends on details of the explosion
mechanism and is even more uncertain (x 6.2). Fryer &
Kalogera (2001) estimate 40 M!, but calculations of explo-
sions even in supernovae as light as 15M! give widely vary-
ing results. It is likely that stars up to at least 25 M! do
explode, by one means or another, in order that the heavy
elements are produced in solar proportions. The number
of stars between 25 and 40 M! is not large. Here we have
taken what some may regard as a rather large value:
M-upper ¼ 40M! (Fig. 2).

For increasing metallicity, mass loss reduces the hydro-
gen envelope at the time of core collapse. A small hydrogen
envelope (d2 M!) cannot sustain a long plateau phase in
the light curve, and only Type IIL/b supernovae or, for very
thin hydrogen layers, Type IIb supernovae result (Barbon,
Ciatti, & Rosino 1979; Filippenko 1997). It is also necessary

Fig. 1.—Remnants of massive single stars as a function of initial metallicity (y-axis; qualitatively) and initial mass (x-axis). The thick green line separates
the regimes where the stars keep their hydrogen envelope (left and lower right) from those where the hydrogen envelope is lost (upper right and small strip at
the bottom between 100 and 140M!). The dashed blue line indicates the border of the regime of direct black hole formation (black). This domain is interrupted
by a strip of pair-instability supernovae that leave no remnant (white). Outside the direct black hole regime, at lower mass and higher metallicity, follows the
regime of BH formation by fallback (red cross-hatching and bordered by a black dot-dashed line). Outside of this, green cross-hatching indicates the formation
of neutron stars. The lowest mass neutron stars may be made by O/Ne/Mg core collapse instead of iron core collapse (vertical dot-dashed lines at the left). At
even lower mass, the cores do not collapse and only white dwarfs are made (white strip at the very left).

TABLE 1

Progenitor Properties for Different
Core-Collapse Supernovae

SNType Pre-SN Stellar Structure

IIp....................... e2M!H envelope
IIL/b .................. d2M!H envelope
Ib/c..................... NoH envelope
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Systematic numerical simulations

ü Heger et al. (2003)

There should be a “critical” mass at M ~ 25 !⊙, 
dividing NS/BH forming cases.

ü OʼConnor & Ott (2011); Ugliano et al. (2012)

1D simulations with artificial explosion schemes 
show non-monotonic explosion properties.

ü KN et al. (2015); KN et al. (2019)

2D self-consistent simulations show linear 
relations between some explosion properties and 
the compactness parameter ξ.
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Systematic CCSN studies
ü KN et al. (2015)

2D self-consistent simulations, 
M = 10.8-75 Msun, Z = 0-Zsun.
Linear relations between some 
explosion properties and ξ.
Simulations ended at t_pb < 1s.

0
compactness parameter ξ2.5

ξM = M(R) [!⊙] / R [1000 km]
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Systematic numerical simulations

ü Heger et al. (2003)

There should be a “critical” mass at M ~ 25 !⊙, 
dividing NS/BH forming cases.

ü OʼConnor & Ott (2011); Ugliano et al. (2012)

1D simulations with artificial explosion schemes 
show non-monotonic explosion properties.

ü KN et al. (2015); KN et al. (2019)

2D self-consistent simulations show linear 
relations between some explosion properties and 
the compactness parameter ξ.

ü Burrows et al. (2020)

3D self-consistent simulations show low-
energetic (~1050 erg) or failed explosions.
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2019) other aspects of the same resolution study. In toto, this
comprises nineteen 3D simulations with what is thought to
be the necessary physical realism.

Unless otherwise indicated, our default spatial resolu-
tion is 678⇥128⇥256 (r⇥✓ ⇥ �), we use 12 energy groups,
and the outer radius is at 20,000 kilometers (km). The ra-
dial zone width from the center out to ⇠20 km is 0.5 km, af-
ter which the zone width grows logarithmically to this outer
boundary. The energy groups are logarithmically distributed
from 1 MeV to 300 MeV (for ⌫e) or 100 MeV (for all other
species). To seed instabilities, very modest initial pertur-
bations to the velocity field of amplitude 100 km s�1 and
with ` = 10, m = 1, and n = 4, using the prescription of
Müller & Janka (2015), were imposed 10 milliseconds (ms)
after bounce to the 3D model that was mapped from the 1D
model followed to collapse. This is to be compared to the
pre-explosion speeds in front of the bounce shock of ⇠50,000
km s�1 and the immediate post-bounce speeds from ⇠8000
km s�1 to ⇠4000 km s�1. It is expected that these perturba-
tions will grow on infall (Lai & Goldreich 2000; Takahashi
& Yamada 2014), but not achieve comparable speeds. All
models were non-rotating. We have attempted to standard-
ize all model runs to ensure our model-to-model compar-
isons are as direct as possible. In this way, one can hope to
better ascertain true systematic di↵erences in the context
of state-of-the-art 3D simulations over this wide progenitor
panorama.

We emphasize that all our 3D models are calculated us-
ing exactly the same specifications and setup, including our
admittedly-crude method of initial model perturbation. This
is to enable direct comparisons and, thereby, to extract sys-
tematic variations along the progenitor continuum. It may
be that models for which we don’t witness explosions (and
vice versa) might explode with rotation, updated physics,
higher resolution, or an improved code, etc. However, we as-
sert that the relative tendency to explode, or not to explode,
is captured by our study and will serve as an important the-
oretical context going forward.

3 RESULTS

3.1 Overview

At this stage in the theoretical development of progenitor
models, it should not be assumed that the mapping between
mass and profile is accurately known. There is still much
churn in that complicated field, and the e↵ects of multi-
dimensional stellar evolution (Couch et al. 2015; Jones et al.
2016; Chatzopoulos et al. 2016; Müller et al. 2017, 2019;
Jones et al. 2019; Yoshida et al. 2019) and binarity (Müller
et al. 2019), to name only two, have not yet been fully assim-
ilated. However, it is reasonable to suggest that the range of
possible structures is well-captured by the range depicted in
Figure 1. It is in this spirit that we present our 3D explosion
results and suggest that the general range of outcomes has
been approximately corralled.

Figure 1 depicts the mass density profiles of the suite
of models upon which we focus in this paper. The range of
model slopes exterior to ⇠1.2 M� is quite wide and covers
most of the model space historically found in the literature.
The lowest mass representative, the 9-M� progenitor, boasts
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Figure 2. Average shock radii. Our models span a wide range in
terms of explosion delay times with shock revival occurring from
⇠0.1 to ⇠0.5 seconds after bounce. Among the progenitors we
consider, the 13-M�, 14-M� and 15-M� models fail to explode
within the timeframe we simulate.

Figure 3. Mass accretion rate at 500 km. All exploding models
display a sharp drop in the accretion rate corresponding to the
infall of the Si/O interface. All models, with the exception of the
9-M� progenitor, show an overall positive net accretion rate onto
the inner core even after explosion sets in.

the steepest profile and the 25-M� progenitor the shallowest,
and any measure of average declivity would be a monotonic
function of ZAMS mass. However, as the calculated com-
pactness given in Table 1 demonstrates, the models are not
perfectly nested monotonically, and this is thought to re-
flect real physical e↵ects (Woosley & Heger 2007; Sukhbold
et al. 2016, 2018). Moreover, due to significant mass loss,
the 60-M� of Sukhbold et al. (2016) we employ in this pa-
per resides in the middle of the pack. For all the models,
the compactness and shallowness are inversely related to the
central density, which helps determine the time to bounce. It
should be noticed that most of the models have pronounced
density cli↵s at the silicon/oxygen interface, and it has been
shown that the accretion of such features can itself jump a
model into explosion (Vartanyan et al. 2018; Burrows et al.
2018, 2019). However, not all progenitors share this feature,
with the 13-, 14-, and 15-M� models evincing some of the

MNRAS 000, 1–25 (2019)
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Figure 6. Diagnostic explosion energies. With the exception of
the 9-M� progenitor, the explosion energies have not yet reached
their asymptotic value. However, most of the models appear to be
approaching diagnostic explosion energies near a few ⇥ 1050 erg,
except for the more massive models which are poised to achieve at
later times even higher explosion energies. The total “diagnostic”
supernova explosion energy is the sum of the internal thermal,
kinetic, and gravitational energies of the ejecta, defined as the
matter with positive Bernoulli integral. The gravitational term is
the largest and much of the deposited neutrino power goes into
work against it. We include in the diagnostic energy the “reas-
sociation energy” of the debris into nuclei and the gravitational
binding energy of the matter exterior to the explosion shock, but
interior to the 20,000-km boundary. Note that the total diagnostic
energy must still be corrected for the binding energy exterior to
the outer computational boundary, provided in Table 1, to obtain
the total explosion energy. This correction is small, except for the
more massive models, where it can approach one Bethe.

energy of ⇠1050 ergs (⇠0.1 Bethe) after ⇠0.5 seconds and
was continued to ⇠1.0 seconds.

Importantly, the higher-mass progenitors explode late
(Figure 2), but, as stated in §3.1, accumulate total energy
at a more rapid rate (Figure 6). For the 25-M� model, that
rate is ⇠1 Bethe per second and for the 20-M� model it is
only a bit less, implying that, carried for another few sec-
onds, these models would achieve what are considered to
be “canonical” supernova energies of one Bethe or more. A
caveat is that the total binding energy of the mantle exterior
to our computational boundary at 20,000 km must be paid.
As Table 1 indicates, though this number is quite small for
the low-mass progenitors, it is approaching one Bethe for
the 25-M� star, necessitating a longer energy ramp at the
rate witnessed in Figure 6 to achieve a kinetic energy at
infinity of order one Bethe. This longer time for the more
massive stars is in keeping with the results of Müller (2015),
who concluded the same using a simpler computational in-
frastructure. Hence, our results suggest that the more mas-
sive models that explode a bit later, likely ramp up more
quickly to larger explosion energies after a longer evolution.
For some massive models, perhaps the 25-M� model, the
mantle binding energy penalty may be too high and a black
hole may result5. We note that since we have neglected nu-

5 Whether a weaker supernova could still emerge in this scenario
is an interesting possibility for future study.

Progenitor t(final) Shock Radius Shock Speed
(M�) (seconds) (1000 km) (1000 km s�1)
s9.0 1.042 12.419 16.287
s10.0 0.767 1.963 6.647
s11.0 0.568 2.754 7.996
s12.0 0.903 4.088 6.944
s13.0 0.771 0.090 0.078
s14.0 0.994 0.077 0.044
s15.0 0.994 0.069 0.072
s16.0 0.617 2.265 6.717
s17.0 0.649 2.527 6.621
s18.0 0.619 2.122 7.870
s19.0 0.871 3.879 7.848
s20.0 0.629 1.415 7.330
s25.0 0.616 0.735 6.594
s60.0 0.398 0.808 5.233

Table 2. A table of the mean shock radius and mean shock speed
at the end of each baseline 3D simulation. The simulation end
time is given in seconds, the mean shock radius is given in units
of 1000 km, and the mean shock speed is given in units of 1000 km
s�1. Note that the non-exploding models (13-, 14-, and 15-M�)
have correspondingly low values for both quantities.

clear burning, it is for the 25-M� model that this neglect
may be most relevant. As we see in §3.6, the amount of core
material ejecta for this model is large and a fraction of this
mass (to be determined) may burn to boost this explosion
even further. In this context it should be remembered that
the burning of one solar mass of oxygen yields approximately
a Bethe of energy.

The lower-mass progenitors explode, when they do,
earlier after bounce, but achieve lower asymptotic explo-
sion energies. This is the systematics in explosion energy
with progenitor structure/mass that we infer from the re-
sults of this 3D progenitor model set. Importantly, this is
also consistent with what is emerging from the progenitor-
mass/explosion-energy correlation inferred in recent anal-
yses of Type IIp light curves(Morozova et al. 2018; Mar-
tinez & Bersten 2019; Eldridge et al. 2019; Poznanski 2013)6.
Clearly, future 3D simulations should push to longer post-
bounce physical times. Moreover, the chaos in the convective
turbulence will naturally introduce a degree of stochasticity
in the outcomes and their parameters, including explosion
energy. Therefore, determining the distribution functions in
these observables, even for a given progenitor, will be an
interesting long-term challenge for theory.

3.3 Proto-neutron Star Masses

Figure 7 shows the baryon mass accumulated within an iso-
density surface of mass density 1011 g cm�3 for all the sim-
ulations of this investigation. This PNS mass ranges from a
low of ⇠1.3 M� for the 9-M� model to a high near ⇠2.0 M�
for the 25-M� progenitor. In Table 3, we tabulate the baryon
and gravitational PNS masses at the end of each simulation.
The latter is the gravitational mass for the cold neutron star
in beta equilibrium, using the SFHo EOS. Except for the 9-
M� simulation, for which the PNS mass has asymptoted,
the PNS masses for the other models are still growing at

6 See, in particular, Figure 6 in Morozova et al. (2018) and Figure
5 in Martinez & Bersten (2019).
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Systematic CCSN simulations

6

Spatial
dim.

Model 
# ν heating ZAMS M

[!⊙] Z sim. 
time Summary

Oʼconnor & 
Ott ʼ11,ʼ13 1D ~100 x factor 10-120 0-solar ~1s Non-monotonic

expl./BH formation.

Ugliano+ʼ13 1D ~100 Lν (RNS, t) 10-40 solar ~10s+ Non-monotonic 
explosion properties.

KN+ʼ15 2D ~400 Self-consistent 10-75 0-solar ~1s Explosion properties 
depend on ξ.

KN+ʼ19 2D 10 Self-consistent 10-20 solar ~10s Long-term accretion 
produces Eexp>1051erg.

Burrows+ʼ20 3D 14 Self-consistent 9-
20,25,60 solar <1s Eexp ~ 0.1x1051erg

KN+ʼ25 3D 16 Self-consistent 9-24 solar 0.5s Independent 3D study, 
based on MHD.



Systematic 3D MHD simulations - Numerical scheme
ü 3DnSNe_MHD code (Matsumoto+’20) based on 3DnSNe code (Takiwaki+’16,’18).

• 3D neutrino-radiation hydrodynamics code for CCSN simulations.
• Neutrino transport: 3-flavor IDSA scheme, 20 energy bins for 0< eν <300 MeV.
• GR effects: effective GR potential (case A in Marek+’06) and reddening in ν transport.
• EoS: LS220 EoS + Boltzmann gas.
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ü 16 progenitor models covering 9-24 solar masses (Sukhbold+’16)
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ü Subsequent 3D simulation:
• 2D → 3D at 10ms after bounce.
• Random density perturbation (≦ 1%) is imposed in R > 100 km.
• 600(r)x64(θ)x128(φ) grids for 0 ≦ R ≦ 104 km, 0 ≦ θ ≦ π , and 0 ≦ φ ≦ 2π.

ü Initial 2D simulation:
• No rotation,                                         with B0 = 1010 [G] (weak) and r0 = 103 km.
• 600(r)x128(θ) grids for 0 ≦ R ≦ 104 km and 0 ≦ θ ≦ π.

4 J. Matsumoto et al.

opacity set of Bruenn (1985). In this run, 20 energy groups that logarithmically spread from 1 to 300 MeV are employed. We use the equation
of state (EOS) by Lattimer & Swesty (1991) (incompressibility K = 220 MeV).

We employ the non-rotating presupernova progenitors of 15.0, 18.4 and 27.0 M� of Woosley et al. (2002). As for the initial configuration
of the magnetic fields, we assume a simple topology following Suwa et al. (2007); Takiwaki et al. (2014); Obergaulinger et al. (2014). The
magnetic field is given by a vector potential in the �-direction of the form

A� =
B0

2
r

3
0

r3 + r
3
0

r sin ✓ , (9)

where r0 = 1000 km characterizes the topology of the field. The magnetic field is uniform when the radius, r, is smaller than r0, while it
is like dipole field when r is larger than r0. B0 determines the strength of the magnetic field inside the core (r < r0). In this study, we set
B0 = 1010, 1011 or 1012 G. The model name is labelled as ‘s27.0B10’, which represents the 27.0 M� model with B0 = 1010 G. We choose
s27.0B10 as a fiducial model because 2D (albeit, non-magnetized) results using this progenitor are available in the literature (e.g. Hanke et al.
2013; Summa et al. 2016). We follow the dynamics up to tfin ⇠ 400 � 500 ms after bounce, depending on the progenitor models. In most of
the models, we terminate the simulations at the final time seeing that the diagnostic explosion energies are greater than 1050 erg. We leave
the more long-term simulation for future work.

The calculations are performed in axisymmetry. Therefore, the derivatives with respect to the �-direction (i.e. @@� ) are taken to be zero in
the governing equations when we run 2D simulations. The grid spacing in this work is the similar to that of 2D runs in Takiwaki et al. (2014).
In the radial direction, a logarithmically stretched grid is adopted for 480 zones that cover from the center up to 5000 km, whereas the polar
angle in the ✓-direction is uniformly divided into �✓ = ⇡/128. The innermost 10 km are computed in spherical symmetry to avoid excessive
time-step limitations. Reflective boundary conditions are imposed on the inner radial boundary (r = 0), while fixed-boundary conditions are
adopted for the outer radial boundary (r = 5000 km) except the gravitational potential that is inversely proportional to the radius at outer
ghost cells. A reflecting boundary condition is imposed on the 2D symmetry axis (e.g. the z-axis in our 2D run). A numerical resolution test
is given in Appendix E.

3 RESULTS

We first describe overall evolution of the magnetized and non-rotating stellar core for our fiducial model (s27.0B10) in Section 3.1. Then
in the subsequent sections, we move on to present results focusing on the impact of the initial magnetic field strength on the postbounce
evolution. The progenitor dependence of the shock evolution is presented in Section 3.4.

3.1 Overall evolution of non-rotating and magnetized core-collapse model of a 27M� star

Fig. 1 shows the temporal evolution of the spatial distribution of the entropy per baryon and magnetic field for the fiducial model (s27.0B10).
The 2D color map of the entropy per baryon is illustrated in the negative region of x (x < 0). The structure of magnetic field lines is drawn by
a line integral convolution method (Cabral & Leedom 1993) in the positive region of x (x > 0). The color depicts the strength of the magnetic
field. Panel (a), (b), (c) and (d) correspond to the time tpb = 100, 200, 300 and 500 ms after bounce, respectively. Hereafter tpb denotes the
postbounce time.

The core bounce occurs after ⇠ 200 ms (i.e. tpb = 0) after the start of the simulation, leading to the shock formation at the radius of ⇠ 20
km. The bounce shock stalls at r ⇠ 140 km around tpb = 100 ms, and then turns into the standing shock (see also, the top left panel of Fig. 2).
When the shock stalls, the structure of the magnetic field lines is like a split monopole as shown in the right-half panel of Fig. 1a. Before
the shock stall (tpb . 100 ms), the flow is almost restricted in radial direction. The split-monopole like configuration is made because the
magnetic field is "frozen-in" with respect to the matter motion. The electric resistivity of the magnetic field is so small that it is disregarded in
this work, which can be well justified in the CCSN environment (Sawai et al. 2013a). The initial vector potential (equation 9) gives magnetic
loops on the equatorial region at around r ⇠ 1000 km. These magnetic loops also gravitationally collapse (dragged by matter infall) and are
shown on the equatorial plane (x & 30 km and z = 0) in Fig. 1a. The center of loops is located at around x ⇠ 45 km and seen as a small
blueish region.

As the (maximum) shock radius starts to gradually shrink after tpb & 100 ms (e.g. Fig. 2a), it gradually deviates from the shock trajectory
of the corresponding 1D model (black solid line in Fig. 2a). This marks the growth of non-spherical motions in the postshock region. One
can clearly observe the deformation of the shock in the left-half panel of Fig. 1b at tpb = 200 ms. In Fig. 1b, one can also see the penetration
of the magnetic field lines (thin red curves in the right-half panel) into the postshock region (high entropy region in the left-half panel), which
makes the field configuration much more complicated than that outside the shock. In our ideal MHD simulations, the field amplification in
the postshock region occurs due to compression and stretching of the magnetic field, which is governed by the non-radial matter motions.
Note in our 2D models that we do not attempt to di↵erentiate the origin of the "non-radial" motions either originating predominantly from
the SASI or neutrino-driven convection because the SASI is liable to be overestimated in 2D compared to 3D simulations (e.g. Hanke et al.
2012, 2013; Fernández et al. 2014).

Fig.1c shows a snapshot after the shock revival (tpb = 300 ms, see also Fig. 2a). The low-mode deformation of the shock and the
formation of the high entropy region (colored by red in the entropy plot) is a common feature of 2D neutrino-driven explosion models. The

MNRAS 000, 1–22 (2020)

Systematic 3D MHD simulations - Numerical scheme
ü 3DnSNe_MHD code (Matsumoto+’20) based on 3DnSNe code (Takiwaki+’16,’18).

• 3D neutrino-radiation hydrodynamics code for CCSN simulations.
• Neutrino transport: 3-flavor IDSA scheme, 20 energy bins for 0< eν <300 MeV.
• GR effects: effective GR potential (case A in Marek+’06) and reddening in ν transport.
• EoS: LS220 EoS + Boltzmann gas.
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ü 16 progenitor models covering 9-24 solar masses (Sukhbold+’16)
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24 solar-mass progenitor

~2M CPU*hr / model
(~1.5 month with 2000 CPUs)

Systematic 3D MHD simulations - Overview



ü （Top panel）Mass accretion rate ＠ r = 500km.

ü （Bottom panel）Angle-averaged shock radius.

Systematic 3D MHD simulations - Shock revival

Roughly in order of ZAMS mass (or compactness) 
in the early phase (< 100 ms).

Some models show sudden drop when the Si/O 
interface passes through.

In some models the shock jumps when the Si/O 
interface falls onto the shock and ram pressure 
from the accreting matter is suppressed. 
→ Shock revival time is not in order of ZAMS mass.
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The density jump in the progenitor structure plays 
a crucial role in shock revival (explodability).



Systematic 3D MHD simulations - Explosion energy
ü Diagnostic explosion energy ( Ekin + Eint + Egrv of the ejected matter).

Most models show Eexp < 0.2 x 1051 erg @500ms, except s23 & s24 models (~ 0.8 x 1051 erg).
Here overburden (negative binding energy) of the stellar envelope is not taken into account.
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compactness parameter ξM = M(R)/RExplosion energy



Multi-messenger signals from CCSN

Figure from KN+2016, MNRAS, 461, 3296

ü KN+ 2016, MNRAS, 461, 3296
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CCSNe emit neutrinos, GWs and 
electromagnetic waves.
Luminosity:
neutrinos & GWs >> EM
Detectability:
EM >> neutrinos & GWs

Remnant (NS/BH) information is also 
useful.

ν burst

GW
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Properties of NSs - mass
Time evolution of PNS mass. Correlation between MPNS and ξ.

The mass accretion onto the central PNS almost 
stops within the simulation time (tpb<500ms), 
and MPNS converges to 1.4-2.1 "⊙ .

MPNS is well correlated to the parameters 
characterizing mass accretion rate (MSi, ξM).

Compactness: ξM = M[!⊙]/R(M)[1000km]
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NS mass distribution
1) Estimate the gravitational mass of cold NSs.

Lattimer & Prakash (2001)

2) Assume that MNS = MPNS at tpb= 500ms, 
and the IMF is Salpeterʼs one.

3) Compare with observational data.
65 NSs from Table 1 in Lattimer (2012)

The NS mass distribution has a peak at 
~ 1.4 !⊙ as seen in the observational data.

Light NSs coming from small-mass SNe?
Even O-Ne-Mg SNe and ultra-stripped 
SNe leave NSs >1.2 !⊙.

Kitaura et al. (2006)
Suwa et al. (2015), Mueller et al. (2018)

Mueller, Heger, & Powell (2025)

Heavy NSs coming from binary interaction?
e.x.）Black Widow Pulsar14

Properties of NSs - mass
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Properties of NSs - kick velocity
NSs are “kicked” at the explosion → correlated to anisotropic ejection of the matter and neutrino.

v̇⌫
kick = �

1

cMPNS

Z

S

�
F⌫e + F⌫̄e + F⌫x

�
dA,

vhydro
kick = �

1

MPNS

Z

⇢<1011 g cm�1

v⇢dV,

ü Hydrodynamic kick.

ü Neutrino-driven kick.

assuming the conservation of the matter 
momentum.

assuming ray-by-ray (only radial) 
transport of neutrino.
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Properties of NSs - kick velocity

Time evolution of NS kick velocity
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Not yet converged at tpb = 500ms.
→ long-term simulation is necessary.

Correlation between vPNS and (Eexp/MPNS)1/2
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NSs are “kicked” at the explosion → correlated to anisotropic ejection of the matter and neutrino.



Properties of NSs - spin

Note: our simulations start from non-rotating
progenitor models.

Anisotropic motions behind the shock.
→ accretion of angular momentum onto the 
central PNS.

NS spin period # = 2& I/J using the total 
angular momentum * = *"# + *$# + *%#.

TNS = 0.1 s - 10 s at tpb = 500ms.
Heavy (large-ξ) models present short periods.

The most rapidly rotating model (s24) shows 
a signature of the spiral SASI motion.

Time evolution of NS spin period
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Properties of NSs - magnetic field

1010

1011

1012

1013

1014

1015

0 100 200 300 400 500

|B
|[
G
]

Time after bounce [ms]

s9
s11
s14
s16

s18
s19
s20
s24

107
108
109
1010
1011
1012
1013
1014
1015

106 107 108 109

|B
|[
G
]

Radius [cm]

Initial
tpb=0ms
100ms
300ms
500ms

Time evolution of |B| at PNS surfaceRadial profile of |B| for s24 model
↓PNS surface @ 500 ms

The magnetic field strength at the center is amplified by more than 103 times by
accumulation of magnetic field flux frozen with the accreting matter,
and dynamo process in the PNS convective region.



Summary

ü Systematic study of 3D CCSN models is still challenging but now itʼs a feasible idea.
ü We demonstrate 3D MHD simulations for 9-24 solar mass progenitors (Sukhbold+ʼ16).
ü All the examined models show successful shock revival in 300 ms.

• Most models show Eexp < 0.2 x 1051 erg, except s23 & s24 models (~ 0.8 x 1051 erg).
ü Our 3D models leave NSs:

l Mass distribution well matches with observational data with a peak at 1.4 !⊙.
l Kick velocity is induced by anisotropic ejection of the matter and ν, but < 300km/s.
l Spin period TNS = 0.1 s - 10 s, heavy (large-ξ) models present short periods.
l Magnetic field is enhanced by the accumulation and dynamo processes.

→ They will provide us with fruitful information on the CCSN explosion mechanism!
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Explodability ← fine structure of the progenitor structure (density jump).
Explosion properties ← mass accretion rate (~ ξ, MSi)


